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Star formation history
Consistent picture of star formation history emerging  
from multi-wavelength observations
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from the ratio of FIR to observed (uncorrected) FUV luminosity densities (Figure 8) as a

function of redshift, using FUVLFs from Cucciati et al. (2012) and Herschel FIRLFs from
Gruppioni et al. (2013). At z < 2, these estimates agree reasonably well with the measure-

ments inferred from the UV slope or from SED fitting. At z > 2, the FIR/FUV estimates

have large uncertainties owing to the similarly large uncertainties required to extrapolate
the observed FIRLF to a total luminosity density. The values are larger than those for

the UV-selected surveys, particularly when compared with the UV values extrapolated to

very faint luminosities. Although galaxies with lower SFRs may have reduced extinction,
purely UV-selected samples at high redshift may also be biased against dusty star-forming

galaxies. As we noted above, a robust census for star-forming galaxies at z ≫ 2 selected
on the basis of dust emission alone does not exist, owing to the sensitivity limits of past

and present FIR and submillimeter observatories. Accordingly, the total amount of star

formation that is missed from UV surveys at such high redshifts remains uncertain.

Figure 9: The history of cosmic star formation from (top right panel) FUV, (bottom right panel) IR,
and (left panel) FUV+IR rest-frame measurements. The data points with symbols are given in Table
1. All UV luminosities have been converted to instantaneous SFR densities using the factor KFUV =
1.15 × 10−28 (see Equation 10), valid for a Salpeter IMF. FIR luminosities (8–1,000µm) have been
converted to instantaneous SFRs using the factor KIR = 4.5 × 10−44 (see Equation 11), also valid for a
Salpeter IMF. The solid curve in the three panels plots the best-fit SFRD in Equation 15.

Figure 9 shows the cosmic SFH from UV and IR data following the above prescriptions,

as well as the best-fitting function

ψ(z) = 0.015
(1 + z)2.7

1 + [(1 + z)/2.9]5.6
M⊙ year−1 Mpc−3. (15)

These state-of-the-art surveys provide a remarkably consistent picture of the cosmic SFH:

a rising phase, scaling as ψ(z) ∝ (1 + z)−2.9 at 3 ∼
< z ∼

< 8, slowing and peaking at some
point probably between z = 2 and 1.5, when the Universe was ∼ 3.5 Gyr old, followed by
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One way to get 
a binary black 
hole merger

Massive star formation

Gravitational wave  
emission & observation

A few million years of  
complex astrophysics 

From Belczynski et al 2016



Merger rate density

evolution, that clusters of lower metallicities produce BBH
mergers of higher masses, with chirp masses in excess of
10 M: and up to 25–30 M: (the chirp mass of GW150914 is
28 2

2
-
+ M:). We note that none of these studies incorporate the

newer, weaker winds leading to more massive BHs adopted by
some of the models for isolated binaries (Section 3.3). Such a
modification applied to clusters will unavoidably increase the
BBH masses from clusters even further. BBH populations are
also predicted to form in young, open clusters(Goswami et al.
2014; Ziosi et al. 2014) with “heavy” masses. In this case,
BBHs are formed mostly through dynamical exchanges in
three-body encounters of single BHs with binaries containing
one or two BHs.

We conclude that BBH formation in dense star clusters is
consistent with GW150914, provided that the clusters have
typical metallicities lower than Z: in order to form sufficiently
massive merging BBHs. Most of these mergers occur outside
the clusters following dynamical BBH ejection. Although,
under optimistic assumptions, formation of “heavy” BHs at
solar metallicity has been discussed through stellar or BH–star
mergers in young clusters, such paths require chains of
dynamical interactions for eventual BBH formation. Cluster
models with more detailed treatment of binary evolution,
dynamics, updated stellar winds, and exploration of cluster
properties are needed to determine the robustness of the
predicted BBH mass spectra.

4. BBH MERGERS IN THE NEARBY UNIVERSE

Apart from the BH masses of the binary system, another
important measurement of GW150914 is its luminosity
distance in the range of 230–570Mpc (at 90% credible level)
which corresponds to a redshift of 0.05–0.12 and an age of the
universe of ;12.2–13.1 Gyr at the time of the merger (using
Planck Collaboration et al. 2015). The specific implications of
this measurement vary, depending on whether GW150914
originated from isolated binary evolution or from dynamical
interactions in a dense stellar environment.

In the case of dynamical origin, mergers of such “heavy”
BBHs in the local universe fit comfortably. Models of
dynamical BBH formation(Portegies Zwart & McMillan
2000; Miller & Lauburg 2009; O’Leary et al. 2009; Downing
et al. 2011; Kocsis & Levin 2012; Tsang 2013; Ziosi et al.

2014; Morscher et al. 2015; Rodriguez et al. 2015, 2016) show
that stellar and BH interactions take about ∼1 Gyr to form
BBHs, which have a wide range of delay times between
formation and merger for BBHs from old and young clusters.
In the case of a BBH merger from an isolated binary at a low

metallicity, there is a continuum of possibilities in between two
extremes: the BBH progenitor of GW150914 could have
formed in the local universe with a short merger delay time, or
it could have formed at a higher redshift with a long merger
delay time. We cannot distinguish between these two extremes
with the observation of this single event.
Short merger times are typically favored. One of the most

recent isolated binary model predictions (Dominik et al. 2013)
shows preference for merger times of ;10–300Myr. However,
low-metallicity star formation is rare in nearby galaxies. The
age and metallicity distribution of a large sample of nearby
galaxies from the Sloan Digital Sky Survey with a median
redshift of 0.13 shows that very few galaxies have low
metallicities, all of which are low-mass (< 109 M:) and have
relatively young stellar populations(< 1 Gyr, Gallazzi et al.
2005). In any case, the well measured mass–metallicity relation
(Tremonti et al. 2004) implies that BBH formation paths with
merger delay times below ∼1 Gyr require that the source
originated in nearby (z< 0.2) low-mass, young galaxies.
Alternatively, the BBH system may have formed much

earlier (e.g., z 22 ), when low-metallicity star formation was
more common (see Madau & Dickinson 2014), but then it must
have taken much longer to merge (∼5–10 Gyr). Such long
merger delay times are often disfavored significantly compared
to short delays (by factors of ∼10–100; see, e.g., Dominik
et al. 2013).
To present a more quantitative discussion, we consider the

study by Dominik et al. (2013) in more detail. They discuss
BBH formation from isolated binaries, accounting for the
dependence on star formation, galaxy-mass, and metallicity
evolution from the local universe to cosmological redshifts and
find that most local BBH mergers originate from star formation
in the first few Gyr of the universe and with long merger delay
times (see also Dominik et al. 2015). Figure 2 (adopted from
Figure 4 of Dominik et al. 2013) indicates that the BBH merger
rate of binaries with metallicities of 1/2, 1/4, and 1/10 Ze
increases with redshift and peaks at redshifts of 1, 3, and 4,

Figure 2. Predictions of BBH merger rate in the comoving frame (Gpc yr3 1- - ) from isolated binary evolution as a function of redshift for different metallicity values
(adopted from Figure 4 in Dominik et al. 2013). At a given redshift, the total merger rate is the sum over metallicity. The redshift range of GW150914 is indicated by
the vertical band; the range of the BBH rate estimates and the redshift out to which a system like GW150914 could have been detected in this observing period are
indicated by an open blue rectangular box.
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• BBH mergers offer an independent probe of high 
mass star formation 

• Need to untangle complex astrophysics

4 From Abbott et al, ApJL 2016



Future prospects



Measuring merger rate & star 
formation rate (Vitale & Farr)

6

• Assume	Madau-Dickinson	star	forma5on	rate	(SFR)	

• Assume	5me	delay	between	merger	and	forma5on	goes	as	1/t 

• Forma5on	rate	propor5onal	to	SFR		

• Generate	1,	6,	12	months	worth	of	BBH	detec5ons	by	3G	detectors	



Measuring merger rate density
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Vitale,	Farr,	in	prep



Star formation rate

8

SFR	template:

Can	measure	the	5me	delay	power	law	coefficient	and	well	as	the		
parameters	of	the	SFR	



The First Stars
• Formation of the first stars 

• Observational prospects 

• EM observations 

• GW observations 

• Challenges for the 3G network
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Where do Pop III stars form… and when?

•  Form in dark matter 
minihalos with mass  

Mhalo ≳ 5 ×105 M⦿ 

• Redshift z = 16 - 20 

• Tvir ~ 1000 K 

• Gas density is around 1 cm-3

Stacy, Greif and Bromm  (2010)



Required halo mass
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Rep. Prog. Phys. 76 (2013) 112901 V Bromm

important formation channel turns out to be the sequence:
H + e− → H− + γ , followed by H− + H → H2 + e−. The free
electrons act as catalysts, and are present as residue from the
epoch of recombination at z ≃ 1100, when the Universe had
sufficiently cooled to enable the formation of neutral hydrogen
atoms, or result from collisional ionization in accretion shocks
during the hierarchical build-up of galaxies. The formation of
hydrogen molecules thus ceases when the free electrons have
recombined. An alternative formation channel relies on the
intermediary H+

2 with free protons as catalysts. This formation
mode is important at very high redshifts, z > 100, where
CMB photons are still sufficiently energetic to destroy H−,
whereas H+

2 is more tightly bound and can thus already survive
(Tegmark et al 1997). The H− channel, however, dominates
in most circumstances. Calculations of H2 formation in
collapsing DM halos, idealizing the virialization of dark matter
halos in CDM cosmogonies with the top-hat model, have found
a simple approximate relationship between the asymptotic H2

abundance and virial temperature in the halo (Tegmark et al
1997), fH2 ∝ T 1.5

vir . Thus, the deeper the potential well (the
larger the virial temperature), the higher the resulting molecule
abundance, and the stronger the effect of cooling due to the
molecules. Put differently: the primordial gas has first to
become sufficiently hot to be able to cool later on.

2.2. Minimum halo mass for collapse

Applying the familiar Rees–Ostriker–Silk criterion for the
formation of galaxies that the cooling timescale has to be
shorter than the dynamical timescale, tcool < tdyn, one can
derive the minimum halo mass at a given redshift inside
of which the gas is able to cool and eventually form stars
(Rees and Ostriker 1977, Silk 1977). To carry out this
analysis (see figure 1), we need to consider two ingredients:
(i): the minimum halo mass that fulfills the Rees–Ostriker–
Silk criterion at a given redshift (dashed line in figure 1) and
(ii): the Mh − zvir relation, as given by CDM (solid lines). The
latter relation depends on how likely it is that a halo arises
from the gravitational collapse of a peak within the random
field of primordial density fluctuations. Because this field is
Gaussian (Loeb 2010), one uses the term ‘νσ ’-peak, such that
the probability for it to occur scales as e−ν/2. In the context of
determining the formation sites of the first stars, one typically
focuses on 3–4σ peaks (Couchman and Rees 1986). Higher
σ peaks would collapse even earlier, but they would become
too rare to be statistically significant, and would thus not be
able to impact subsequent cosmic history. We further explore
this argument in the next paragraph. The minihalo properties
now emerge if one considers the intersection of the two lines
(in figure 1): a minimum halo mass of ∼106M⊙ is required for
collapse redshifts zvir ∼ 20–30. From detailed calculations,
one finds that the gas in such a ‘successful’ halo has reached
a molecule fraction in excess of fH2 ∼ 10−4 (Haiman et al
1996, Tegmark et al 1997, Yoshida et al 2003a). We note
that the H2 cooling function had been quite uncertain pre-
1995, differing by an order of magnitude over the relevant
temperature regime. Advances in the quantum-mechanical
computation of the collisional excitation process (H atoms

Figure 1. Minimum mass of Pop III star-forming region. Solid
lines: mass of DM halo versus collapse redshift for various
overdensities. Dashed line: minimum mass to satisfy the
Rees–Ostriker–Silk criterion (tcool < tff ) versus redshift. Halos
above this line can cool efficiently and the gas inside them can
undergo further collapse. Dotted line: Minimum mass to overcome
pressure support, effectively expressing the cosmological Jeans
condition (Haiman et al 1996). Here, it is assumed that the gas has
the same temperature as the CMB for z > 200, and evolves
adiabatically afterwards. Note that the Jeans criterion is not
sufficient to enable star formation, and that the stronger cooling
condition has to be met. For masses below ∼104M⊙, collapse is not
possible since those halos have virial temperatures below that of the
CMB. Note that the simplified analytical model used here was
adjusted to properly describe the situation at z ! 20, where cooling
and collapse first happen. At later times, its validity breaks down; in
particular it overpredicts the halo masses required for collapse at
z " 15 (adopted from Bromm (2000)).

colliding with H2 molecules) have provided a much more
reliable determination of the H2 cooling function (see the
discussion and references in Galli and Palla (1998)).

We now consider the connection between halo mass,
virialization redshift, and the CDM power spectrum in
somewhat greater detail. Perturbations on a given mass scale
are characterized by the overdensity δM = [(ρ − ρb)/ρb]M ,
where the densities are calculated as averages within a
spherical window with a given mass, M , inside. Once the
overdensity has grown to a critical value of order unity,
δM = δc ≃ 1.69, the perturbation enters its nonlinear phase of
collapse and virialization. Every overdensity can be expressed
as a multiple of the rms fluctuation on the scale in question:
δM = νσ (M), which represents a ‘νσ peak’. The rms
fluctuation approximately grows according to

σ (M) ∼ σ0(M)

1 + z
, (4)

where σ0(M) is the present-day value. For a minihalo with
mass Mh ∼ 106M⊙, the &CDM model predicts: σ0(M) ≃ 15.
One can then estimate the redshift of collapse, or virialization,
as 1 + zvir ∼ νσ0(M)/δc, resulting in zvir ∼ 20–30 for
ν ∼ 3. Reflecting the statistics of high-σ peaks, the primordial
clouds are predominantly clustered, although there are a few
cases of more isolated ones (Yoshida et al 2003a). As
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The ‘classical’ picture of Pop III collapse
Bromm et al. 2002 

Abel et al. 2002
Omukai 2001; 2005

Bromm & Larson 2004
Yoshida et al. 2006



The classic picture of Pop III collapse

n ! 108Y1011 cm"3, rapid reactions release a significant amount
of heat. After some experiments, we found that the chemistry part
becomes numerically unstable with etol ¼ 0:1 and concluded that
setting etol ¼ 0:01 allows stable time integration at n > 107 cm"3.

4. SPHERICAL COLLAPSE TEST

In this section we test our numerical techniques using a spher-
ical collapse problem.We follow the evolution of primordial gas
in a dark matter halo by setting up a gas sphere embedded in an
NFW (Navarro et al. 1997) potential

! rð Þ ¼ !s

r=rsð Þ 1þ r=rsð Þ2
h i ; ð44Þ

where rs and !s are scale radius and density, respectively. The
initial gas density is set to be an isothermal " profile

!g rð Þ ¼ !g;0

1þ r=rsð Þ2
h i3"=2 : ð45Þ

We are interested in the gas evolution after the gas cloud be-
comes self-gravitating, and so details of the initial density profile
do not matter. For simplicity, we set " ¼ 1. The halo mass is set

to be 5 ; 105 M', andwe assume the baryon fraction to be 0.05.We
distribute 4million particles according to equation (45) and evolve
the system.

Figure 3 shows the distribution of gas in a temperature-density
phase plane when the central density is 5 ; 1015 cm"3. In the
figure, characteristic features are marked as regions AYG. The
bottom panel in Figure 3 shows the corresponding molecular
fraction distribution. All of the features are explained as closely
related to the thermal evolution. See the caption for a brief ex-
planation. The overall evolution of the central gas cloud after it
undergoes a runaway collapse is consistent with the spherically
symmetric calculation of ON98.We have checked the radial pro-
files of density, temperature, velocity, andmolecular fraction. These
quantities are quite similar to the late-time evolution of the ON98
calculation until the central gas density reaches!1016 cm"3 (up to
the fourth output in Fig. 1 of ON98).

Previous three-dimensional simulations of primordial gas cloud
formation were hampered by the complexity of calculating line
opacities and the reduction of the resulting cooling rate. Themax-
imum resolution, in terms of gas density, achieved in these sim-
ulations was thus!1010 cm"3, where the assumption of optically
thin cooling breaks down. With the novel technique described in
x 3.3, our simulations can follow the evolution of a primordial gas
cloud to nH ! 1016 cm"3, nearly 6 orders of magnitude greater
than previous three-dimensional calculations reliably probed. To
study the detailed evolution of a protostellar ‘‘seed’’ beyond nH !
1016 cm"3, we would need to implement a fewmore physical pro-
cesses, as explained in x 3.5.

An important quantity we measure is the optically thick line
cooling rate, which serves as a critical check of our numerical
implementation. Figure 4 shows the normalized H2 line cooling
rate against local density. We use an output at the time when the
central density is nc ¼ 1014 cm"3. In the figure, we compare our
simulation results with those from the full radiative transfer
calculations of ON98 (open diamonds). Clearly our method
works very well. The steepening of the slope at n > 1012 cm"3,
owing to the velocity change where infalling gas settles gradu-
ally onto the center, is well reproduced. We emphasize that the
level of agreement shown in Figure 4 can be achieved only if all

Fig. 3.—Top: Gas distribution in the temperature-density phase space in a
spherical collapse problem. The indicated characteristic features are explained as
follows: (A) gas temperature reaches k1000 K by virialization, and hydrogen
molecules are formed by two-body processes; (B) molecular hydrogen cooling
brings the gas temperature down to 200 K; (C) the H2 cooling rate saturates and
becomes close to the density-independent, LTE value; (D) three-body reactions
kick in and the gas becomes fully molecular; (E) the line cooling rate decreases as
the density increases because of the cloud’s opacity; (F) collision-induced emis-
sion becomes a dominant cooling process; and (G) H2 dissociation begins at
T ! 2000 K. Bottom: Molecular fraction fH2

of the gas. The increase in the
fraction at A, D, a plateau at C ! D, and the temporal decrease owing to dis-
sociation at G are clearly seen in this plot.

Fig. 4.—Cooling efficiency defined by f ¼ !thick/!thin. The open squares are
the results from the one-dimensional calculation of ON98.We plot the efficiency as
a function of local density at the time when the central density is n ¼ 1014 cm"3.

FORMATION OF PRIMORDIAL STARS 13No. 1, 2006

• Gas falls into minihalo and heats 
up to virial temperature via 
compression

• H2 formation is enhanced by the 
temperature increase

Yoshida et al. 2006



The classic picture of Pop III collapse

n ! 108Y1011 cm"3, rapid reactions release a significant amount
of heat. After some experiments, we found that the chemistry part
becomes numerically unstable with etol ¼ 0:1 and concluded that
setting etol ¼ 0:01 allows stable time integration at n > 107 cm"3.

4. SPHERICAL COLLAPSE TEST

In this section we test our numerical techniques using a spher-
ical collapse problem.We follow the evolution of primordial gas
in a dark matter halo by setting up a gas sphere embedded in an
NFW (Navarro et al. 1997) potential

! rð Þ ¼ !s

r=rsð Þ 1þ r=rsð Þ2
h i ; ð44Þ

where rs and !s are scale radius and density, respectively. The
initial gas density is set to be an isothermal " profile

!g rð Þ ¼ !g;0

1þ r=rsð Þ2
h i3"=2 : ð45Þ

We are interested in the gas evolution after the gas cloud be-
comes self-gravitating, and so details of the initial density profile
do not matter. For simplicity, we set " ¼ 1. The halo mass is set

to be 5 ; 105 M', andwe assume the baryon fraction to be 0.05.We
distribute 4million particles according to equation (45) and evolve
the system.

Figure 3 shows the distribution of gas in a temperature-density
phase plane when the central density is 5 ; 1015 cm"3. In the
figure, characteristic features are marked as regions AYG. The
bottom panel in Figure 3 shows the corresponding molecular
fraction distribution. All of the features are explained as closely
related to the thermal evolution. See the caption for a brief ex-
planation. The overall evolution of the central gas cloud after it
undergoes a runaway collapse is consistent with the spherically
symmetric calculation of ON98.We have checked the radial pro-
files of density, temperature, velocity, andmolecular fraction. These
quantities are quite similar to the late-time evolution of the ON98
calculation until the central gas density reaches!1016 cm"3 (up to
the fourth output in Fig. 1 of ON98).

Previous three-dimensional simulations of primordial gas cloud
formation were hampered by the complexity of calculating line
opacities and the reduction of the resulting cooling rate. Themax-
imum resolution, in terms of gas density, achieved in these sim-
ulations was thus!1010 cm"3, where the assumption of optically
thin cooling breaks down. With the novel technique described in
x 3.3, our simulations can follow the evolution of a primordial gas
cloud to nH ! 1016 cm"3, nearly 6 orders of magnitude greater
than previous three-dimensional calculations reliably probed. To
study the detailed evolution of a protostellar ‘‘seed’’ beyond nH !
1016 cm"3, we would need to implement a fewmore physical pro-
cesses, as explained in x 3.5.

An important quantity we measure is the optically thick line
cooling rate, which serves as a critical check of our numerical
implementation. Figure 4 shows the normalized H2 line cooling
rate against local density. We use an output at the time when the
central density is nc ¼ 1014 cm"3. In the figure, we compare our
simulation results with those from the full radiative transfer
calculations of ON98 (open diamonds). Clearly our method
works very well. The steepening of the slope at n > 1012 cm"3,
owing to the velocity change where infalling gas settles gradu-
ally onto the center, is well reproduced. We emphasize that the
level of agreement shown in Figure 4 can be achieved only if all

Fig. 3.—Top: Gas distribution in the temperature-density phase space in a
spherical collapse problem. The indicated characteristic features are explained as
follows: (A) gas temperature reaches k1000 K by virialization, and hydrogen
molecules are formed by two-body processes; (B) molecular hydrogen cooling
brings the gas temperature down to 200 K; (C) the H2 cooling rate saturates and
becomes close to the density-independent, LTE value; (D) three-body reactions
kick in and the gas becomes fully molecular; (E) the line cooling rate decreases as
the density increases because of the cloud’s opacity; (F) collision-induced emis-
sion becomes a dominant cooling process; and (G) H2 dissociation begins at
T ! 2000 K. Bottom: Molecular fraction fH2

of the gas. The increase in the
fraction at A, D, a plateau at C ! D, and the temporal decrease owing to dis-
sociation at G are clearly seen in this plot.

Fig. 4.—Cooling efficiency defined by f ¼ !thick/!thin. The open squares are
the results from the one-dimensional calculation of ON98.We plot the efficiency as
a function of local density at the time when the central density is n ¼ 1014 cm"3.

FORMATION OF PRIMORDIAL STARS 13No. 1, 2006

• H2 cooling counteracts heating 
and the gas starts to cool

• H2 formation continues

Yoshida et al. 2006



The classic picture of Pop III collapse

n ! 108Y1011 cm"3, rapid reactions release a significant amount
of heat. After some experiments, we found that the chemistry part
becomes numerically unstable with etol ¼ 0:1 and concluded that
setting etol ¼ 0:01 allows stable time integration at n > 107 cm"3.
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ical collapse problem.We follow the evolution of primordial gas
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to be 5 ; 105 M', andwe assume the baryon fraction to be 0.05.We
distribute 4million particles according to equation (45) and evolve
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quantities are quite similar to the late-time evolution of the ON98
calculation until the central gas density reaches!1016 cm"3 (up to
the fourth output in Fig. 1 of ON98).

Previous three-dimensional simulations of primordial gas cloud
formation were hampered by the complexity of calculating line
opacities and the reduction of the resulting cooling rate. Themax-
imum resolution, in terms of gas density, achieved in these sim-
ulations was thus!1010 cm"3, where the assumption of optically
thin cooling breaks down. With the novel technique described in
x 3.3, our simulations can follow the evolution of a primordial gas
cloud to nH ! 1016 cm"3, nearly 6 orders of magnitude greater
than previous three-dimensional calculations reliably probed. To
study the detailed evolution of a protostellar ‘‘seed’’ beyond nH !
1016 cm"3, we would need to implement a fewmore physical pro-
cesses, as explained in x 3.5.

An important quantity we measure is the optically thick line
cooling rate, which serves as a critical check of our numerical
implementation. Figure 4 shows the normalized H2 line cooling
rate against local density. We use an output at the time when the
central density is nc ¼ 1014 cm"3. In the figure, we compare our
simulation results with those from the full radiative transfer
calculations of ON98 (open diamonds). Clearly our method
works very well. The steepening of the slope at n > 1012 cm"3,
owing to the velocity change where infalling gas settles gradu-
ally onto the center, is well reproduced. We emphasize that the
level of agreement shown in Figure 4 can be achieved only if all

Fig. 3.—Top: Gas distribution in the temperature-density phase space in a
spherical collapse problem. The indicated characteristic features are explained as
follows: (A) gas temperature reaches k1000 K by virialization, and hydrogen
molecules are formed by two-body processes; (B) molecular hydrogen cooling
brings the gas temperature down to 200 K; (C) the H2 cooling rate saturates and
becomes close to the density-independent, LTE value; (D) three-body reactions
kick in and the gas becomes fully molecular; (E) the line cooling rate decreases as
the density increases because of the cloud’s opacity; (F) collision-induced emis-
sion becomes a dominant cooling process; and (G) H2 dissociation begins at
T ! 2000 K. Bottom: Molecular fraction fH2

of the gas. The increase in the
fraction at A, D, a plateau at C ! D, and the temporal decrease owing to dis-
sociation at G are clearly seen in this plot.

Fig. 4.—Cooling efficiency defined by f ¼ !thick/!thin. The open squares are
the results from the one-dimensional calculation of ON98.We plot the efficiency as
a function of local density at the time when the central density is n ¼ 1014 cm"3.
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• Gas starts to collapse under 
gravity. Cooling rate is faster than 
associated compressional 
heating rate

• H2 formation drops to zero due to 
limitations of the reaction network

Yoshida et al. 2006



The classic picture of Pop III collapse

n ! 108Y1011 cm"3, rapid reactions release a significant amount
of heat. After some experiments, we found that the chemistry part
becomes numerically unstable with etol ¼ 0:1 and concluded that
setting etol ¼ 0:01 allows stable time integration at n > 107 cm"3.

4. SPHERICAL COLLAPSE TEST

In this section we test our numerical techniques using a spher-
ical collapse problem.We follow the evolution of primordial gas
in a dark matter halo by setting up a gas sphere embedded in an
NFW (Navarro et al. 1997) potential
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where rs and !s are scale radius and density, respectively. The
initial gas density is set to be an isothermal " profile

!g rð Þ ¼ !g;0

1þ r=rsð Þ2
h i3"=2 : ð45Þ

We are interested in the gas evolution after the gas cloud be-
comes self-gravitating, and so details of the initial density profile
do not matter. For simplicity, we set " ¼ 1. The halo mass is set

to be 5 ; 105 M', andwe assume the baryon fraction to be 0.05.We
distribute 4million particles according to equation (45) and evolve
the system.

Figure 3 shows the distribution of gas in a temperature-density
phase plane when the central density is 5 ; 1015 cm"3. In the
figure, characteristic features are marked as regions AYG. The
bottom panel in Figure 3 shows the corresponding molecular
fraction distribution. All of the features are explained as closely
related to the thermal evolution. See the caption for a brief ex-
planation. The overall evolution of the central gas cloud after it
undergoes a runaway collapse is consistent with the spherically
symmetric calculation of ON98.We have checked the radial pro-
files of density, temperature, velocity, andmolecular fraction. These
quantities are quite similar to the late-time evolution of the ON98
calculation until the central gas density reaches!1016 cm"3 (up to
the fourth output in Fig. 1 of ON98).

Previous three-dimensional simulations of primordial gas cloud
formation were hampered by the complexity of calculating line
opacities and the reduction of the resulting cooling rate. Themax-
imum resolution, in terms of gas density, achieved in these sim-
ulations was thus!1010 cm"3, where the assumption of optically
thin cooling breaks down. With the novel technique described in
x 3.3, our simulations can follow the evolution of a primordial gas
cloud to nH ! 1016 cm"3, nearly 6 orders of magnitude greater
than previous three-dimensional calculations reliably probed. To
study the detailed evolution of a protostellar ‘‘seed’’ beyond nH !
1016 cm"3, we would need to implement a fewmore physical pro-
cesses, as explained in x 3.5.

An important quantity we measure is the optically thick line
cooling rate, which serves as a critical check of our numerical
implementation. Figure 4 shows the normalized H2 line cooling
rate against local density. We use an output at the time when the
central density is nc ¼ 1014 cm"3. In the figure, we compare our
simulation results with those from the full radiative transfer
calculations of ON98 (open diamonds). Clearly our method
works very well. The steepening of the slope at n > 1012 cm"3,
owing to the velocity change where infalling gas settles gradu-
ally onto the center, is well reproduced. We emphasize that the
level of agreement shown in Figure 4 can be achieved only if all

Fig. 3.—Top: Gas distribution in the temperature-density phase space in a
spherical collapse problem. The indicated characteristic features are explained as
follows: (A) gas temperature reaches k1000 K by virialization, and hydrogen
molecules are formed by two-body processes; (B) molecular hydrogen cooling
brings the gas temperature down to 200 K; (C) the H2 cooling rate saturates and
becomes close to the density-independent, LTE value; (D) three-body reactions
kick in and the gas becomes fully molecular; (E) the line cooling rate decreases as
the density increases because of the cloud’s opacity; (F) collision-induced emis-
sion becomes a dominant cooling process; and (G) H2 dissociation begins at
T ! 2000 K. Bottom: Molecular fraction fH2

of the gas. The increase in the
fraction at A, D, a plateau at C ! D, and the temporal decrease owing to dis-
sociation at G are clearly seen in this plot.

Fig. 4.—Cooling efficiency defined by f ¼ !thick/!thin. The open squares are
the results from the one-dimensional calculation of ON98.We plot the efficiency as
a function of local density at the time when the central density is n ¼ 1014 cm"3.
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• Temperature drops to around 
200K, below which H2 cooling is 
ineffective
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The classic picture of Pop III collapse

n ! 108Y1011 cm"3, rapid reactions release a significant amount
of heat. After some experiments, we found that the chemistry part
becomes numerically unstable with etol ¼ 0:1 and concluded that
setting etol ¼ 0:01 allows stable time integration at n > 107 cm"3.

4. SPHERICAL COLLAPSE TEST

In this section we test our numerical techniques using a spher-
ical collapse problem.We follow the evolution of primordial gas
in a dark matter halo by setting up a gas sphere embedded in an
NFW (Navarro et al. 1997) potential

! rð Þ ¼ !s

r=rsð Þ 1þ r=rsð Þ2
h i ; ð44Þ

where rs and !s are scale radius and density, respectively. The
initial gas density is set to be an isothermal " profile

!g rð Þ ¼ !g;0

1þ r=rsð Þ2
h i3"=2 : ð45Þ

We are interested in the gas evolution after the gas cloud be-
comes self-gravitating, and so details of the initial density profile
do not matter. For simplicity, we set " ¼ 1. The halo mass is set

to be 5 ; 105 M', andwe assume the baryon fraction to be 0.05.We
distribute 4million particles according to equation (45) and evolve
the system.

Figure 3 shows the distribution of gas in a temperature-density
phase plane when the central density is 5 ; 1015 cm"3. In the
figure, characteristic features are marked as regions AYG. The
bottom panel in Figure 3 shows the corresponding molecular
fraction distribution. All of the features are explained as closely
related to the thermal evolution. See the caption for a brief ex-
planation. The overall evolution of the central gas cloud after it
undergoes a runaway collapse is consistent with the spherically
symmetric calculation of ON98.We have checked the radial pro-
files of density, temperature, velocity, andmolecular fraction. These
quantities are quite similar to the late-time evolution of the ON98
calculation until the central gas density reaches!1016 cm"3 (up to
the fourth output in Fig. 1 of ON98).

Previous three-dimensional simulations of primordial gas cloud
formation were hampered by the complexity of calculating line
opacities and the reduction of the resulting cooling rate. Themax-
imum resolution, in terms of gas density, achieved in these sim-
ulations was thus!1010 cm"3, where the assumption of optically
thin cooling breaks down. With the novel technique described in
x 3.3, our simulations can follow the evolution of a primordial gas
cloud to nH ! 1016 cm"3, nearly 6 orders of magnitude greater
than previous three-dimensional calculations reliably probed. To
study the detailed evolution of a protostellar ‘‘seed’’ beyond nH !
1016 cm"3, we would need to implement a fewmore physical pro-
cesses, as explained in x 3.5.

An important quantity we measure is the optically thick line
cooling rate, which serves as a critical check of our numerical
implementation. Figure 4 shows the normalized H2 line cooling
rate against local density. We use an output at the time when the
central density is nc ¼ 1014 cm"3. In the figure, we compare our
simulation results with those from the full radiative transfer
calculations of ON98 (open diamonds). Clearly our method
works very well. The steepening of the slope at n > 1012 cm"3,
owing to the velocity change where infalling gas settles gradu-
ally onto the center, is well reproduced. We emphasize that the
level of agreement shown in Figure 4 can be achieved only if all

Fig. 3.—Top: Gas distribution in the temperature-density phase space in a
spherical collapse problem. The indicated characteristic features are explained as
follows: (A) gas temperature reaches k1000 K by virialization, and hydrogen
molecules are formed by two-body processes; (B) molecular hydrogen cooling
brings the gas temperature down to 200 K; (C) the H2 cooling rate saturates and
becomes close to the density-independent, LTE value; (D) three-body reactions
kick in and the gas becomes fully molecular; (E) the line cooling rate decreases as
the density increases because of the cloud’s opacity; (F) collision-induced emis-
sion becomes a dominant cooling process; and (G) H2 dissociation begins at
T ! 2000 K. Bottom: Molecular fraction fH2

of the gas. The increase in the
fraction at A, D, a plateau at C ! D, and the temporal decrease owing to dis-
sociation at G are clearly seen in this plot.

Fig. 4.—Cooling efficiency defined by f ¼ !thick/!thin. The open squares are
the results from the one-dimensional calculation of ON98.We plot the efficiency as
a function of local density at the time when the central density is n ¼ 1014 cm"3.
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• H2 reaches critical density and 
levels go into Local 
Thermodynamic Equilibrium.  
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The classic picture of Pop III collapse

n ! 108Y1011 cm"3, rapid reactions release a significant amount
of heat. After some experiments, we found that the chemistry part
becomes numerically unstable with etol ¼ 0:1 and concluded that
setting etol ¼ 0:01 allows stable time integration at n > 107 cm"3.

4. SPHERICAL COLLAPSE TEST

In this section we test our numerical techniques using a spher-
ical collapse problem.We follow the evolution of primordial gas
in a dark matter halo by setting up a gas sphere embedded in an
NFW (Navarro et al. 1997) potential

! rð Þ ¼ !s

r=rsð Þ 1þ r=rsð Þ2
h i ; ð44Þ

where rs and !s are scale radius and density, respectively. The
initial gas density is set to be an isothermal " profile

!g rð Þ ¼ !g;0

1þ r=rsð Þ2
h i3"=2 : ð45Þ

We are interested in the gas evolution after the gas cloud be-
comes self-gravitating, and so details of the initial density profile
do not matter. For simplicity, we set " ¼ 1. The halo mass is set

to be 5 ; 105 M', andwe assume the baryon fraction to be 0.05.We
distribute 4million particles according to equation (45) and evolve
the system.

Figure 3 shows the distribution of gas in a temperature-density
phase plane when the central density is 5 ; 1015 cm"3. In the
figure, characteristic features are marked as regions AYG. The
bottom panel in Figure 3 shows the corresponding molecular
fraction distribution. All of the features are explained as closely
related to the thermal evolution. See the caption for a brief ex-
planation. The overall evolution of the central gas cloud after it
undergoes a runaway collapse is consistent with the spherically
symmetric calculation of ON98.We have checked the radial pro-
files of density, temperature, velocity, andmolecular fraction. These
quantities are quite similar to the late-time evolution of the ON98
calculation until the central gas density reaches!1016 cm"3 (up to
the fourth output in Fig. 1 of ON98).

Previous three-dimensional simulations of primordial gas cloud
formation were hampered by the complexity of calculating line
opacities and the reduction of the resulting cooling rate. Themax-
imum resolution, in terms of gas density, achieved in these sim-
ulations was thus!1010 cm"3, where the assumption of optically
thin cooling breaks down. With the novel technique described in
x 3.3, our simulations can follow the evolution of a primordial gas
cloud to nH ! 1016 cm"3, nearly 6 orders of magnitude greater
than previous three-dimensional calculations reliably probed. To
study the detailed evolution of a protostellar ‘‘seed’’ beyond nH !
1016 cm"3, we would need to implement a fewmore physical pro-
cesses, as explained in x 3.5.

An important quantity we measure is the optically thick line
cooling rate, which serves as a critical check of our numerical
implementation. Figure 4 shows the normalized H2 line cooling
rate against local density. We use an output at the time when the
central density is nc ¼ 1014 cm"3. In the figure, we compare our
simulation results with those from the full radiative transfer
calculations of ON98 (open diamonds). Clearly our method
works very well. The steepening of the slope at n > 1012 cm"3,
owing to the velocity change where infalling gas settles gradu-
ally onto the center, is well reproduced. We emphasize that the
level of agreement shown in Figure 4 can be achieved only if all

Fig. 3.—Top: Gas distribution in the temperature-density phase space in a
spherical collapse problem. The indicated characteristic features are explained as
follows: (A) gas temperature reaches k1000 K by virialization, and hydrogen
molecules are formed by two-body processes; (B) molecular hydrogen cooling
brings the gas temperature down to 200 K; (C) the H2 cooling rate saturates and
becomes close to the density-independent, LTE value; (D) three-body reactions
kick in and the gas becomes fully molecular; (E) the line cooling rate decreases as
the density increases because of the cloud’s opacity; (F) collision-induced emis-
sion becomes a dominant cooling process; and (G) H2 dissociation begins at
T ! 2000 K. Bottom: Molecular fraction fH2

of the gas. The increase in the
fraction at A, D, a plateau at C ! D, and the temporal decrease owing to dis-
sociation at G are clearly seen in this plot.

Fig. 4.—Cooling efficiency defined by f ¼ !thick/!thin. The open squares are
the results from the one-dimensional calculation of ON98.We plot the efficiency as
a function of local density at the time when the central density is n ¼ 1014 cm"3.
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• Rapid rise in the H2 fraction due 
to 3-body reactions 

• Accompanied by formation 
heating + enhanced cooling (due 
to elevated H2 abundance)
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The classic picture of Pop III collapse

n ! 108Y1011 cm"3, rapid reactions release a significant amount
of heat. After some experiments, we found that the chemistry part
becomes numerically unstable with etol ¼ 0:1 and concluded that
setting etol ¼ 0:01 allows stable time integration at n > 107 cm"3.

4. SPHERICAL COLLAPSE TEST

In this section we test our numerical techniques using a spher-
ical collapse problem.We follow the evolution of primordial gas
in a dark matter halo by setting up a gas sphere embedded in an
NFW (Navarro et al. 1997) potential

! rð Þ ¼ !s

r=rsð Þ 1þ r=rsð Þ2
h i ; ð44Þ

where rs and !s are scale radius and density, respectively. The
initial gas density is set to be an isothermal " profile

!g rð Þ ¼ !g;0

1þ r=rsð Þ2
h i3"=2 : ð45Þ

We are interested in the gas evolution after the gas cloud be-
comes self-gravitating, and so details of the initial density profile
do not matter. For simplicity, we set " ¼ 1. The halo mass is set

to be 5 ; 105 M', andwe assume the baryon fraction to be 0.05.We
distribute 4million particles according to equation (45) and evolve
the system.

Figure 3 shows the distribution of gas in a temperature-density
phase plane when the central density is 5 ; 1015 cm"3. In the
figure, characteristic features are marked as regions AYG. The
bottom panel in Figure 3 shows the corresponding molecular
fraction distribution. All of the features are explained as closely
related to the thermal evolution. See the caption for a brief ex-
planation. The overall evolution of the central gas cloud after it
undergoes a runaway collapse is consistent with the spherically
symmetric calculation of ON98.We have checked the radial pro-
files of density, temperature, velocity, andmolecular fraction. These
quantities are quite similar to the late-time evolution of the ON98
calculation until the central gas density reaches!1016 cm"3 (up to
the fourth output in Fig. 1 of ON98).

Previous three-dimensional simulations of primordial gas cloud
formation were hampered by the complexity of calculating line
opacities and the reduction of the resulting cooling rate. Themax-
imum resolution, in terms of gas density, achieved in these sim-
ulations was thus!1010 cm"3, where the assumption of optically
thin cooling breaks down. With the novel technique described in
x 3.3, our simulations can follow the evolution of a primordial gas
cloud to nH ! 1016 cm"3, nearly 6 orders of magnitude greater
than previous three-dimensional calculations reliably probed. To
study the detailed evolution of a protostellar ‘‘seed’’ beyond nH !
1016 cm"3, we would need to implement a fewmore physical pro-
cesses, as explained in x 3.5.

An important quantity we measure is the optically thick line
cooling rate, which serves as a critical check of our numerical
implementation. Figure 4 shows the normalized H2 line cooling
rate against local density. We use an output at the time when the
central density is nc ¼ 1014 cm"3. In the figure, we compare our
simulation results with those from the full radiative transfer
calculations of ON98 (open diamonds). Clearly our method
works very well. The steepening of the slope at n > 1012 cm"3,
owing to the velocity change where infalling gas settles gradu-
ally onto the center, is well reproduced. We emphasize that the
level of agreement shown in Figure 4 can be achieved only if all

Fig. 3.—Top: Gas distribution in the temperature-density phase space in a
spherical collapse problem. The indicated characteristic features are explained as
follows: (A) gas temperature reaches k1000 K by virialization, and hydrogen
molecules are formed by two-body processes; (B) molecular hydrogen cooling
brings the gas temperature down to 200 K; (C) the H2 cooling rate saturates and
becomes close to the density-independent, LTE value; (D) three-body reactions
kick in and the gas becomes fully molecular; (E) the line cooling rate decreases as
the density increases because of the cloud’s opacity; (F) collision-induced emis-
sion becomes a dominant cooling process; and (G) H2 dissociation begins at
T ! 2000 K. Bottom: Molecular fraction fH2

of the gas. The increase in the
fraction at A, D, a plateau at C ! D, and the temporal decrease owing to dis-
sociation at G are clearly seen in this plot.

Fig. 4.—Cooling efficiency defined by f ¼ !thick/!thin. The open squares are
the results from the one-dimensional calculation of ON98.We plot the efficiency as
a function of local density at the time when the central density is n ¼ 1014 cm"3.
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• H2 cooling starts to become 
increasingly optically thick! 

• Becomes less effective as a 
coolant.
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The classical picture of Pop III collapse

n ! 108Y1011 cm"3, rapid reactions release a significant amount
of heat. After some experiments, we found that the chemistry part
becomes numerically unstable with etol ¼ 0:1 and concluded that
setting etol ¼ 0:01 allows stable time integration at n > 107 cm"3.

4. SPHERICAL COLLAPSE TEST

In this section we test our numerical techniques using a spher-
ical collapse problem.We follow the evolution of primordial gas
in a dark matter halo by setting up a gas sphere embedded in an
NFW (Navarro et al. 1997) potential

! rð Þ ¼ !s

r=rsð Þ 1þ r=rsð Þ2
h i ; ð44Þ

where rs and !s are scale radius and density, respectively. The
initial gas density is set to be an isothermal " profile

!g rð Þ ¼ !g;0

1þ r=rsð Þ2
h i3"=2 : ð45Þ

We are interested in the gas evolution after the gas cloud be-
comes self-gravitating, and so details of the initial density profile
do not matter. For simplicity, we set " ¼ 1. The halo mass is set

to be 5 ; 105 M', andwe assume the baryon fraction to be 0.05.We
distribute 4million particles according to equation (45) and evolve
the system.

Figure 3 shows the distribution of gas in a temperature-density
phase plane when the central density is 5 ; 1015 cm"3. In the
figure, characteristic features are marked as regions AYG. The
bottom panel in Figure 3 shows the corresponding molecular
fraction distribution. All of the features are explained as closely
related to the thermal evolution. See the caption for a brief ex-
planation. The overall evolution of the central gas cloud after it
undergoes a runaway collapse is consistent with the spherically
symmetric calculation of ON98.We have checked the radial pro-
files of density, temperature, velocity, andmolecular fraction. These
quantities are quite similar to the late-time evolution of the ON98
calculation until the central gas density reaches!1016 cm"3 (up to
the fourth output in Fig. 1 of ON98).

Previous three-dimensional simulations of primordial gas cloud
formation were hampered by the complexity of calculating line
opacities and the reduction of the resulting cooling rate. Themax-
imum resolution, in terms of gas density, achieved in these sim-
ulations was thus!1010 cm"3, where the assumption of optically
thin cooling breaks down. With the novel technique described in
x 3.3, our simulations can follow the evolution of a primordial gas
cloud to nH ! 1016 cm"3, nearly 6 orders of magnitude greater
than previous three-dimensional calculations reliably probed. To
study the detailed evolution of a protostellar ‘‘seed’’ beyond nH !
1016 cm"3, we would need to implement a fewmore physical pro-
cesses, as explained in x 3.5.

An important quantity we measure is the optically thick line
cooling rate, which serves as a critical check of our numerical
implementation. Figure 4 shows the normalized H2 line cooling
rate against local density. We use an output at the time when the
central density is nc ¼ 1014 cm"3. In the figure, we compare our
simulation results with those from the full radiative transfer
calculations of ON98 (open diamonds). Clearly our method
works very well. The steepening of the slope at n > 1012 cm"3,
owing to the velocity change where infalling gas settles gradu-
ally onto the center, is well reproduced. We emphasize that the
level of agreement shown in Figure 4 can be achieved only if all

Fig. 3.—Top: Gas distribution in the temperature-density phase space in a
spherical collapse problem. The indicated characteristic features are explained as
follows: (A) gas temperature reaches k1000 K by virialization, and hydrogen
molecules are formed by two-body processes; (B) molecular hydrogen cooling
brings the gas temperature down to 200 K; (C) the H2 cooling rate saturates and
becomes close to the density-independent, LTE value; (D) three-body reactions
kick in and the gas becomes fully molecular; (E) the line cooling rate decreases as
the density increases because of the cloud’s opacity; (F) collision-induced emis-
sion becomes a dominant cooling process; and (G) H2 dissociation begins at
T ! 2000 K. Bottom: Molecular fraction fH2

of the gas. The increase in the
fraction at A, D, a plateau at C ! D, and the temporal decrease owing to dis-
sociation at G are clearly seen in this plot.

Fig. 4.—Cooling efficiency defined by f ¼ !thick/!thin. The open squares are
the results from the one-dimensional calculation of ON98.We plot the efficiency as
a function of local density at the time when the central density is n ¼ 1014 cm"3.
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• Collision induced emission (CIE: 
(Frommhold 1994) takes over 
around densities of 1013 -1015 

cm-3 (Omukai 2001) 

• It too becomes optically thick 
after this density regime, and the 
gas relies on H2 dissociation 
cooling.

Yoshida et al. 2006



Fragmentation of protostellar Pop III discs

Clark et al. (2011b)



Multiplicity = Ejection

Greif et al. (2011), Smith et al. (2011)
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Fig. 8.— The central 2000AU after 1000 yr of continued fragmentation and accretion. Black dots, crosses and stars denote protostars with
masses below 1M⊙, between 1M⊙ and 3M⊙, and above 3M⊙. A relatively rich protostellar cluster with a range of masses has survived
in each case. In a few minihalos, low-mass protostars have been ejected out of the central gas cloud, such that they are no longer visible
here. In simulation MH-2, two independent clumps have collapsed almost simultaneously and formed their own clusters before eventually
merging (see also Figure 6).

• 3 - body dynamics in inherently 
unstable 

• If the gas really does fragment, then 
ejections from the halos will be 
common 

• Normally the least-massive member 
is ejected 

• High mass binary remains

• However if there are lots of stars, then high-mass ejections will also be 
common 

• We see these in the local universe (“runaways”)



We really do not understand the Pop III IMF!

�&� "'��0��!�/����,-�'��+��
)(0�+�%�0�&�,,��.'�-"('


�!��)+(�%�&�0"-!��%�-�&�,,��.'�-"(',���

log N

log M

Mfrag

Cluster accretes

Mmax

log M

log N

Mfrag

Cluster accretes

Mmax

�(0�"&� "'�����%�-�&�,,�
�.'�-"('




Pop III Star formation rate
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Fig. 1.1 Comoving Pop III star formation rate densities in units of M� Mpc�3 yr�1

and their medians. The values are calculated from a suite of 30 Local Group simulations

(Caterpillar, see Gri↵en et al., 2016) using four di↵erent assumptions about stellar feed-

back and metal enrichment. Full details are provided in the main text. Adopted from
Magg et al. (2017).

A typical example of the formation rate of metal-free stars predicted
for regions similar to the Local Group is shown in Figure 1.1. It shows
comoving Pop III star formation rate densities from Magg et al. (2017).
The calculations are based a suite of 30 Local Group simulations (Caterpil-
lar, see Gri↵en et al., 2016) using four di↵erent assumptions about stellar
feedback and metal enrichment. Panel (a) gives the fiducial model with ra-
diative feedback and metal enrichment from Pop III supernovae. The star
formation rate has two peaks, one at z ⇡ 17 and one at z ⇡ 7. Panel (b)
demonstrates that the metal enrichment from Pop III supernovae in neigh-
boring halos delays the transition to Pop II star formation. This model
considers only yields from stars within the same halo. Altogether more
Pop III stars are forming. The largest impact comes from switching o↵ ion-
izing feedback, as illustrated in panel (c). This means that individual halos
are able to form Pop III stars for a longer time and this model leads to the
highest Pop III star formation rates a low redshifts. Panel (d) depicts the

Magg et al. (2017)



First galaxies and Pop II stars

• Formation of 2nd generation stars delayed by radiation from 1st 

• Form in presence of dust and metals (from SNe of Pop III) 

• Even at Z = 10-4 Z⦿, get different IMF
25
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Figure 1: Assembly of the first galaxy. We here illustrate the scenario where

the first galaxies reside in atomic cooling halos. These comprise total masses

of ∼ 108M⊙ and typically collapse at z ∼ 10. Note that within the scenario

illustrated in this figure, minihalos are not considered galaxies, because of the

strong negative feedback from the Pop III stars that form inside of them. This

feedback will effectively destroy the minihalos such that neither gas nor low-mass

stars will remain in them. Their assembly is affected by the feedback from the

first (Pop III) stars that had formed earlier in the minihalo progenitor systems.

Within this model, atomic cooling halos hosted the second generation of stars,

including the first low-mass (Pop II) stars that could have survived to the present

day.



IMF

Transition to 
present-day IMF?

Z = 10-6 Z�  Z = 10-5 Z�  

Clark, Glover & Klessen (2008)



Observational Prospects
• Not possible to directly observe Pop III stars, even with JWST, 

Euclid, E-ELT, …  

• Observe Supernovae and GRBs associated to explosive death 

• SNe to z=10 

• PISNe to higher redshifts, but very rare 

• GRBs, possibly with clear Pop III signature 

• Observations of extremely old, metal poor stars 

• Black hole remnants
27
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GW observations of Pop III?

Pop III formation



Merger time
• Depends upon lifetime of the stars 

• few Myr to 50 Myr (depending upon mass) 

• equivalent to redshift Δz < 0.1 

• Depends upon time for GW inspiral/merger 

• steep dependence on separation and 
eccentricity after 2nd NS/BH forms
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Delay times

30using results from    Peters (1963)



Delay times
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Assume 2nd  
compact object 

formation  
at z = 14 

Merger 
redshift

0

13.9

13.7
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Future prospects

Pop III formation

Pop III merger



Evidence of Pop III origin?
• Unlikely on event by event basis 

• likely to require identification of a population 
within the observed mergers, e.g.

33

Pop III  
contribution



Measuring redshift & mass
• Uncertainty in distance leads to uncertainty in redshift and 

consequently mass 
• Already seen in GW151226 — chirp mass measurement limited 

by distance uncertainty 
• Impact on early universe measurements.  Assume similar 

distance error: 50% 
• Source of mass 50 M⦿ at z= 10 (DL = 100GPc)  
• Observed to be between DL=50 and DL=150 GPc 

• z between 5 and 13.5 
• inferred masses between 25 M⦿ and 70 M⦿  

— due to distance error alone
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Measuring redshift & mass
• Require a network of detectors 

• Better localisation and measurement of both 
polarizations improves distance measurement

35

GW150914 with future detectors 9

Figure 4. The magnification of the region surrounding the true position. While
figure 3 shows the large scale localisation, this plot illustrates the di↵erences between
3, 4, and 5-detector set-ups, which continuously shrink the area while remaining centred
on the true location. Noteworthy is also that even at low sensitivity AdVirgo is able
to shrink the area massively and collapse the annulus into a region with the diameter
comparable to the width of the 2-detector ring. The increased sensitivity has a greater
impact in the 3-detector set-up as the improvements in AdVirgo are much larger.

Figure 5. The posterior distributions of the luminosity distance to the source and the
inclination angle, for one simulated signal. The distance measurement covers a wide
range of values, as the distance prior is uniform in volume and the distance is not very
well measured and degenerate with other extrinsic parameters. The inclination angle is
only weakly constrained at current sensitivities or with only two detectors. While the
degeneracy between face-on and -o↵ orientations can be broken with a third detector
at higher sensitivities, the width of the peak decreases only from ⇡ ⇡/4 to ⇡ ⇡/7.
Qualitative di↵erences with the posterior peaking close to the maximum appear only
only once a fourth detector in an advantageous location is added.

Gaebel & Veitch (2017)



Summary
• Expect Pop III stars to be massive (flat/top-heavy IMF) 

and to form in close, multiple systems 

• Third generation GW detectors will have sufficient 
sensitivity to measure NS and BH mergers of Pop III stars 

• Challenge is to separate a Pop III component from the 
observed merger rate vs redshift 

• 3G network likely to provide more accurate measurement 
of distance/redshift -> mass than a single detector
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